We consider that no mean magnetic field exists during this epoch, but that there is a mean magnetic energy associated with large-scale magnetic inhomogeneities. We study the evolution of these inhomogeneities and their influence on the large scale density structure, by introducing linear perturbations in Maxwell equations, the conservation of momentum-energy equation, and in Einstein field equations. The primordial magnetic field structure is time independent in the linear approximation, only being diluted by the general expansion, so that BR 2 is conserved in comoving coordinates. Magnetic fields have a strong influence on the formation of large-scale structure. Firstly, relatively low fields are able to generate density structures even if they were inexistent at earlier times. Second, magnetic fields act anisotropically more recently, modifying the evolution of individual density clouds. Magnetic flux tubes have a tendency to concentrate photons in filamentary patterns.
Introduction
Recent measurements of intergalactic magnetic fields (see the Review by Kronberg, 1994 , and references therein) have provided evidence of the following facts:
Magnetic Fields of the order of 3µG are not uncommon. Values larger than 1µG
have been found in all reported measurements (see also Feretti et al. 1995) . Fields of this strength are quantitatively important because they correspond to an energy density equal to that of CMBR. Kronberg (1994) even suggests that 3µG fields are ubiquitous. In this case, a "background magnetism" would be in equipartition of energy with the CMBR. This possibility, even whilst theoretically attractive, is still based in a limited number of measurements and therefore will not be assumed here. (e.g. Wolfe, Lanzetta, & Oren 1992; Welter, Perry, & Kronberg, 1984) . Probably, primordial magnetic fields to a large degree contributed to the present intergalactic ones.
Large magnetic fields have also been found in protogalactic clouds
Kronberg suggested that magnetic fields play a role in the formation of structures in the Universe.
These facts, even if we do not know exactly how ubiquitous and how persistent in time intergalactic magnetic fields are, stimulate the analysis of their evolution and interrelation with density inhomogeneities.
The study of the evolution of density inhomogeneities, when no magnetic fields are present, is already a classical topic ( Weinberg 1972; Peebles 1980; Kolb & Turner 1990; Börner 1988; Battaner 1996) . It may be divided into three periods: i) Post-Recombination era. During this era a Newtonian analysis is appropriated, but nonlinear effects require rather sophisticated numerical techniques. Inhomogeneities grow as R first, becoming proportional to R 2 and R 3 when nonlinear effects become more and more important. The inclusion of magnetic fields in the study of this epoch has been carried out by Wasserman (1978) , Coles (1992) and Kim, Olinto, & Rosner (1994) , this last work including nonlinear effects. Classical treatments of Birkeland currents in the plasma Universe have been carried out by Peratt (1988) ii) Acoustic era. A relativistic treatment is necessary; viscosity and heat conduction must be included ( Field 1969; Weinberg 1972; and others) as these effects explain the Silk mass. Inhomogeneities do not increase during this era, which ends at Recombination, its beginning being dependent on the rest mass of the primordial cloud, around R = 10 −5 R 0 . As far as we know, no attempt of introducing magnetic fields into this analysis has been made.
iii) Radiation dominated era. This era ends when the acoustic one begins, and is therefore not perfectly defined, roughly at R ≈ 10 −5 R 0 , so it corresponds to a photon dominated universe. The beginning of this era is also rather indeterminate. During this epoch non-magnetic inhomogeneities increase as R 2 .
The inclusion of magnetic fields in the study of this third era is the objective of this paper. We will deal with the evolution of magnetic fields and their influence on density inhomogeneities in a radiation dominated Universe. The mathematical procedure must be relativistic, but the inclusion of nonlinear and imperfect fluid effects is not necessary, which greatly simplifies the problem. The upper time boundary will be placed at approximately 10 −5 R 0 , before the Acoustic epoch, and near Equality. The lower time boundary is undefined, but in particular we consider a Post-Annihilation era, in order to avoid sudden jumps in the temperature of photons and because positron-electron and quark-gluon plasmas, than constitute the plasma state at earlier epochs. require another analytical formulation. Therefore, the period under study broadly extends from Annihilation to Equality.
We consider that the evolution of magnetic fields is not perturbed by creation and loss processes. Some mechanisms have being invoked for later stages ( Rees 1987; Lesch & Chiba 1995; Ruzmaikin, Sokoloff, & Shukurov 1989 ; and others) but these probably do not affect the epoch studied here. Some mechanisms producing primordial fields, prior to Annihilation, are implicitly assumed (see Turner & Widrow 1988; Quashnock, Loeb, & Spergel 1989; Vachaspati 1991; Ratra 1992; Enqvist & Olesen 1993 , 1994 Davis & Dimopoulos 1996) but no assumption about their order of magnitude is here adopted.
Some important works have recently deal with MHD in an expanding universe ( Holcomb 1989 ( Holcomb , 1990 Dettmann, Frankel, & Kowalenko 1993; Gailis et al. 1994; Gailis, Frankel, & Dettmann 1995; Brandenburg, Enqvist, & Olesen 1996) , but our objective is not MHD, but the influence of magnetic fields in the formation of large scale structure. In these papers the metric is unperturbed. Here magnetic fields themselves are responsible of perturbations in the metric, which induce motions and density inhomogeneities, which in turn affect the perturbed metric, and posibly the magnetic fields.
In agreement with the Cosmological Principle, we consider than no mean magnetic field exists at cosmological scales, so < B >= 0 (or rather, we demonstrate in Appendix (A) that < B >= 0 in a Robertson-Walker metric). However random magnetic fields do exist at lower scales in characteristic cells. These fluctuative magnetic fields, even with random orientations, are present everywhere, so that < B 2 > is non-vanishing. There is no mean magnetic field in the Universe, but there is a mean magnetic energy. No assumption about its value, such as that of equipartition with the CMBR energy density or any other hypothesis, is made a priori.
We will divide this work into three parts. In this paper we obtain the equations and derive the basic conclusions. In forthcoming papers we will deal with inhomogeneities affected by selected particular magnetic configurations, and with the influence of a large scale magnetic distribution on the large scale density distribution.
We are considering photons as the dominant particle, but the treatment is obviously the same for any other kind of relativistic dark matter particle. The curvature has been set equal to zero, which is, in any case, a good assumption for this epoch.
The mean magnetic field
Before considering the interrelation between fluctuative magnetic fields and density inhomogeneities, let us consider the mean magnetic field and its influence on the motion of the Universe as a whole. It is intuitive that an isotropic universe cannot possess a mean magnetic field. Nevertheless, it is demonstrated in Appendix (A) that the existence of a mean magnetic field is incompatible with the Robertson-Walker metric, by examining the form adopted by Maxwell equations, the equation of motion and the Einstein field equations in a magnetized universe. Therefore, we consider < B >= 0. However, magnetic fields may be present (and actually they are) in smaller cells, with the direction of the field being random, so that we assume < B 2 > = 0. There is no mean magnetic field but there is a mean magnetic energy.
In Einstein field equations we must include the mean magnetic energy tensor, deduced from:
where F µν is the Faraday tensor. We adopt for the contravariant-covariant form of the Faraday tensor
or in brief
where
and E and B are the electric and magnetic three-vectors.
The Robertson-Walker metric for k = 0 can be written as
where (as usual) Latin indexes denote only spatial coordinates, and R is the cosmological scale factor. Throughout the paper we will consider that R is measured taking its present value R 0 as unity. Therefore, R is dimensionless, R = 1 at present, and we have approximately R = z −1 , with z being the redshift, taking into account that we are dealing with times long before Recombination. Using the Robertson-Walker metric we obtain the other forms of the Faraday tensor:
The electromagnetic momentum-energy tensor becomes
and
From this general expression, we now consider that electric fields may be ignored. In fact, it is possible to show that they vanish, as done in Appendix (A). We also have
The subindex M denotes "magnetic"
with
As
is the magnetic energy density, p M can be interpreted as the magnetic hydrostatic pressure, and we have as the equation of state
The form of the magnetic energy-momentum tensor is identical to the form of the radiative energy-momentum tensor. For photons we consider
where p R is the radiative hydrostatic pressure, ǫ R the radiative energy density, and we consider U 0 = 1 and U i = 0. Therefore
Therefore the total energy momentum is
are the total density and hydrostatic pressure. Given the similarity of form between τ αβ R and τ αβ the Einstein field equations must provide familiar results, i.e. the same expansion and cooling laws that hold for a purely radiative universe.
It is straightforwardly obtained for the Robertson-Walker metric that
, as usual, and therefore
The perturbed quantities
As usual, any quantity is substituted by its mean value plus a fluctuating quantity, which in the linear approximation is negligible, i.e. terms including products of two fluctuating quantities are considered second order terms. For instance ǫ R → ǫ R + δǫ R and
As there is now no possibility of confusion we will eliminate the subindex R and write ǫ + δǫ and p + δp.
By considering the transformation g αβ → g αβ + δg αβ we will call δg αβ = h αβ . But some transformations of the metric tensor do not mean real physical changes. As argued by Weinberg (1972) , it is possible to choose h 0i = h 00 = 0. We benefit here from this choice. It is necessary to calculate h αβ * defined as δg αβ . The metric tensor must match
βα h ασ g σγ , and we have for each component h
h αβ is equivalent to a three-dimension tensor, as any component containing the time subindex 0 vanishes. When using three-dimension formulae we term h ij ≡ h.
Its trace h ii plays an important role and will simply be called h. We also term
U i is the four-velocity of the photon fluid. We have δU 0 = 0, as U 0 = 1 with no perturbation. When dealing with three-dimension formulae we term δU i ≡ u. As we are using comoving coordinates, the unperturbed velocity is
It is easily calculated that the components of the perturbed affine connection δΓ α βγ vanish except
For quantities of electromagnetic nature, we would have for instance B i → B i + δB i . But as shown in the preceding paragraph the mean quantity is null and therefore we may use 
The perturbed Maxwell equations
We will obtain the perturbed equations from Maxwell's, motion, energy and Einstein's field equations. Not all these equations are independent but they are all useful. The general procedure will be as usual. After substituting any generic quantity A by A + δA, the original equation is subtracted and second order terms neglected, because we only consider linear perturbations. As an exception, when perturbing Maxwell's equations we will not neglect second order terms, assuming that variations in the metric and in the Faraday tensor are uncorrelated. The reason is that, because the result is the same, and because some conclusions are very important in forthcoming paragraphs, we have preferred to be extremely cautious.
Let us begin with the second set of Maxwell's equations:
this yields the following perturbed equation
Note that the six last terms on the left hand side are second order terms.
From the [0, 0, 0] component, we obtain just 0 = 0. From the [0, 0, i] component
and the same result for the [0, i, 0] and
which yields for [0, i, i]
and for [0, 1, 2] (for instance)
which yields for [1, 1, 1] (for example)
and other similar formulae, and for [1, 2, 3]
The most restrictive equation is (36) which informs us that no electric field can exist. This is a familiar assumption when dealing with present astrophysical plasmas. When this simplification is taken into account, the whole set of equations is reduced to
The first one is familiar. The second one is also familiar but not obvious. From the first set of Maxwell's equations
with the above procedure and the same change of nomenclature, we obtain
The second and the fourth terms are second order terms, which were included in the derivation. One of them vanishes, that is (δΓ
Bearing in mind the absence of electric fields, and that [(∇h) + B] is negligible, we simply obtain that
i.e. macroscopic neutrality, a familiar result, and that
which simply provides J, the electric current, when B has been calculated.
The perturbed equation of motion-energy
We start with the equation of motion
The electromagnetic contribution is as in equation (9) but now taking into account E = 0.
We now obtain 0 = ∂p ∂x β g αβ + p ∂g
which yields
which yields for the 0th component
which is the equation of energy conservation. For the ith component:
However, it is possible to show that ∇ · h = 0. This comes from the well known property of the tensor metric g αβ;γ = 0, and therefore g αβ;β = 0 and g iβ;β = 0, which becomes in our case g iβ;β + h iβ;β where g iβ now corresponds to the Robertson-Walker metric. We have
With this simplification and some algebra, we have for the ith component
which is the equation of motion.
The perturbed Einstein field equations
We start with the Einstein field equations in the form
where τ αβ is given by equation (48). For the electromagnetic contribution we have
R µν is Ricci's tensor, where
as in Weinberg (1972) . Then, we obtain
Density perturbations
Let us define the relative perturbed density as:
(δ is not so defined by other authors. Some others adopt δ = δǫ/(ǫ + p) which becomes in this case 3/4 times the value of our δ). The final purpose is to deduce δ(t, r), i.e.
how density inhomogeneities evolve, under the action of gravity and an unperturbed underlying magnetic configuration. To find the differential equation for δ, we must perform some algebra because our set of equations is still rather large and complicated. We must first choose which equations will be handled, because as stated before, they are not all independent. Our unknowns are δp, u, h, as B has already been determined as a function of time. We therefore have ten unknowns. The Einstein field equations are also made up of ten equations, and from them the equations of motion and energy are derivable. On the other hand, Maxwell's equations have already been used to deduce the evolution of the magnetic field and the electrical current. Though we could therefore use only the Einstein field equations, the final objective is straightforwardly reached with the equation of motion (56), the equation of energy balance (51), and equations (64) and (65) from the whole set of Einstein field equations, selected because they do not contain the tensor h but just its trace h. The unknowns are now δp, u and h. We still have more equations than unknowns.
Let us rewrite the equations with the introduction of "present" day quantities, with the subindex 0.
Here p is suppressed. We then have:
As suggested by the equations themselves, we now change the temporal and spatial variables, and use the definition (66) of δ. As new spatial variables we will use
where K is the constant in the expansion law
in the radiation-dominated era. Its value is
and R e is the cosmological scale factor at the last time in the period considered in this paper, which is close to Equality. For p 0 we have adopted the value 8.84 × 10 −42 s −2 . It should be noted that x i are comoving coordinates measured in seconds. They now coincide with present coordinates. (It is easily obtained that 1 Mpc = 1.03 × 10 14 s). However x ′ i is dimensionless
where d is the distance in Mpc.
As a temporal variable let us choose
and therefore
where t e is the last time of the period considered here, close to Equality, corresponding to R = 10 −5 , i.e. 3.66 × 10 −9 s. τ is a time variable increasing backwards from future to past.
We then introduce some time independent functions defining the magnetic pattern:
where ∇ ′ is the gradient using x ′ i instead of x i . In the unit system we are using 1 Gauss = 8.61 × 10 −15 s −1 . In this way all the magnitudes of the different quantities involved are close to unity and the equations become extremely simple.
We also change the nomenclature, so that a point over a quantity's symbol now means its derivative with respect to τ , instead of with respect to t. Thus we have
Taking ∇ ′ in equation (86) and ∂ ∂τ in equation (87) and subtracting, inserting this˙ u in equation (84) to obtain u, calculating ∂ ∂τ in equation (85), taking into account the obtained functions u and˙ u in equation (86), we obtain a differential equation containing only δ as a
This is our basic equation, an elliptic linear second order differential equation with variable coefficients. The complete discussion may have complications arising from its elliptic nature (if we prefer not to choose a boundary condition for τ = 0). The following section contains a preliminary insight.
Basic results
As previously mentioned, the implications of various individual magnetic patterns and of a cosmological magnetic spatial spectrum in the formation of structures will be studied in forthcoming papers. We will now examine the general results obtainable from the differential equation (88).
In a very early Universe, with τ very large, the last two terms of equation (88) are negligible and we simply haveδ
which has the solution
where c 1 and c 2 are integration constants. We may understand this solution in two different ways, corresponding to two different initial conditions.
1. The term c 2 e τ decreases with time. In other words, it becomes indefinitely high when we go to the past. If the initial conditions are not associated with a particular special event in the history of the Universe, and refer to a long unspecified period, we should take c 2 = 0. On the other hand, the term c 1 e −τ could be negligible for large values of τ , i.e. far in the past. Therefore, we have δ = −X at the beginning of this period.
Then, the initial distribution of primordial magnetic fields would produce very early density distributions. As X is always positive, δ would originally be negative, i.e. we would have a relative void, in those places with strong magnetic fields. This original structure would later be amplified by means of gravitational and magnetic effects, but δ = −X would be maintained throughout a long period of time.
2. Let us suppose that we consider, in order to better understand the role of magnetic fields in the creation of large-scale structure, that at some early epoch there were no density inhomogeneities and that a magnetic field configuration was suddenly created.
We are allowed to consider δ =δ = 0 as initial conditions. Then, we would obtain
with τ 0 being the value of τ for the time of creation of the primordial fields. We therefore see how, starting with δ = 0, a density perturbation is generated almost instantaneously. In this case, δ increases from the time corresponding to τ 0 , and its spatial variation is conserved, maintaining the same spatial variation of the primordial magnetic field.
Observe that when X = 0, and time is again used as the independent variable, equation (90) is just the solution in the absence of magnetic fields, expressing the growth of the compressional mode as summarized in the classic book by Weinberg (1972) 
where the last term is neglected, as it correspond to a diminution, so that δ ∝ t ∝ R 2 .
Then, at first, the time evolution does not greatly differ with respect to the unmagnetized universe. The great difference lies in the fact that in the unmagnetized universe an initial density inhomogeneity is needed, while in the magnetized universe however, an initial magnetic inhomogeneity creates the initial density inhomogeneity out of a completely homogeneous photon density.
Primordial magnetic fields produce an initial perturbation of the metric, i.e. a potential well not initially associated with the photon dominant energy density and then photons fall into the magnetic field.
The required magnetic field is not too large. We know that initially δ = constant × R 2 in the unmagnetized universe. This fact enables us to obtain some order of mangnitude estimates. The time considered here as the final time, before the acoustic epoch, may correspond to R e ≈ 10 −5 . At that time δ e cannot be much higher than about 10 −5 , as otherwise δ would be unacceptably high at present. Therefore the constant has a value of the order of 10 5 . Let us take R 0 ≈ 10 −10 at Annihilation, therefore δ 0 ≈ 10 −15 and this must be approximately the value of X; but X is the magnetic energy density times the radiative energy density "at present" (i.e. the value it would have today if the field did not decrease at a rate R −2 ). We know that X has a value lying between 10 −3 and 1. Therefore, a "present" equivalent field that is twelve orders of magnitude lower is a very moderate field. This field, plays at first, no important role in the increase of the inhomogeneities, but it provides the seed of primordial density inhomogeneities, and causes these to evolve at the same place where the magnetic energy was originally concentrated. The magnetic fields could provide the primordial spectrum of density inhomogeneities which would then be gravitationally amplified. They could also largely determine the structure, even the present one, at least at the larger scale, not so affected by recent non-linear effects. The filamentary structure which seems to be present in the observed present large-scale structure,and even at small scales such as that of the Coma supercluster, may indicate a very early magnetic structure.
However, our calculations have considered Annihilation as the initial time, and probably the magnetogenesis took place much earlier, probably at the end of Inflation.
As the equation of state ǫ = 3p may be valid before Annihilation, we could extend our arguments to early times, looking for order of magnitude estimates. At the end of constraints deduced by Grasso & Rubinstein (1995) (see also a recent preprint by these authors) and by Kernan, Starkman, & Vachaspati (1995) .
For high values of τ , in the past, only B 2 plays a role, the direction of B still being unimportant. The anisotropy induced by the field arises much later, for values of τ close to unity. The last term in equation (88) introduces the magnetic tension ( B 0 · ∇ B 0 )/4π making the evolution of inhomogeneities anisotropic. By solving the incomplete equation
to isolate the effect of the term containing the magnetic tension, we would have
The new term me −τ τ includes m, which very much depends on the direction of the field as its own definition shows.
The simpler and more important example would be a "gaussian" flux tube. In this case, the magnetic field would be defined in cylindrical coordinates as
where A and σ are parameters. In this case, we have symmetry in ϕ and z, and there is only one spatial coordinate, r. The contribution of the term me −τ τ would be:
δ m is positive for r < σ, which means that the tendency of this other magnetic term would consist of the concentration of radiation along flux tubes. The time dependence indicates that this term is negligible for large values of τ , has a maximum for τ = 1 and is null again for τ = 0. As τ = 1 corresponds to a time te e the maximum is close to Equality. Even if this term vanishes, it can later constitute the seed of density inhomogeneities.
Due to the elliptical nature of our basic equation (88), its proper integration becomes complicated and requires further consideration, which will be done in forthcoming works.
Conclusions
The primordial magnetic field spatial spectrum remains time independent in the linear approximation considered here, being diluted just by the general expansion but conserving patterns and relative values. Therefore, present large scale magnetic field patterns in the intergalactic medium, if we are eventually able to observe them, could reveal very early processes concerning magnetogenesis. Complementary to the standard methods reviewed by Kronberg (1994) , the measurement of the highest energy cosmic rays ( Lee, Olinto, & Siegl, 1996) and other indirect methods ( Plaga 1995; Kronberg 1995; Battaner et al. 1991 ) are promising in the future. There is even the possibility of measuring magnetic fields at the last scattering surface ( Kosowsky & Loeb 1996) .
The fact that magnetic inhomogeneities are conserved until recent epochs in the history of the Universe supports the works by Wasserman(1978) and by Kim et al. (1994) in which a preexisting magnetic configuration determines the evolution of density inhomogeneities.
The influence of this primordial magnetic field spectrum on the formation of large-scale structures, clusters and superclusters, as well as of galaxies, is very important.
Firstly, magnetic fields may provide an alternative mechanism to generate the promordial spectrum of density inhomogeneities, which are then amplified by gravitational instabilities. Other primordial mechanisms, such as quantum fluctuations at Inflation, or exotic discontinuities produced by phase transitions, cannot be rejected, but magnetism is a very interesting possibility as, if δ were null initially, and only the homogeneous Universe were perturbed by random magnetic fields, δ would have been created in a very short time.
This could take place for very low values of magnetic strength, perhaps as little as 10
the present intergalactic strength (relative strength, excluding the dilution by expansion;
i.e. equivalent present strengths).
On the other hand, not only are primordial magnetic fields able to originate density structures at very early epochs, but they have a direct influence on the evolution of structures at R ≈ 10 −5 R 0 . The effect of this direct influence may be of a very different nature, depending on the initial conditions, but a tendency has been clearly identified:
photons have a tendency to concentrate along magnetic flux tubes. These concentrations would eventually be the site of baryon distributions, producing filaments in the large scale structure. Filaments may also be initially produced by magnetic fields. Turbulence could amplify magnetic fields making their influence on large scale sctructure even more important. We have obtained a rough estimate. "Today" equivalent primordial magnetic fields at the epoch of Annihilation cannot be higher than about 10 −15 times the present values.
A. Mean magnetic field in the Robertson-Walker metric
The purpose here is to show that the mean magnetic field is null in a universe obeying the metric of Robertson-Walker, in order to justify this assumption in the paper.
First consider the Maxwell equations:
where now (in contrast with the nomenclature above used) F αβ and J β are the unperturbed
Faraday tensor (a function of the unperturbed mean electric and magnetic fields E and B) and the unperturbed charge density electric current vector. All these quantities have been assumed to be null throughout the paper. We would now have, from (A2)
(and other similar formulae)
With equation (A7) in (A4), (A5) and (A6) we have 
and subtracting we obtain B 1 = 0, and therefore
in a Robertson-Walker metric.
We conclude that in a universe with a Robertson-Walker metric, the existence of B, even if compatible with the Maxwell equations and with the equations of conservation of energy-momentum, is incompatible with the Einstein field equations.
B. Linear Newtonian evolution of magnetic fields
It will be shown that in the linear Post-Recombination epoch, the magnetic structures evolve according to the law BR 2 = constant, with B being the amplitude of the magnetic propagating inhomogeneity (we are not now using comoving coordinates) in a similar way to their evolution in the Radiation dominated epoch.
Let us consider the induction equation
As the mean field vanishes, let us again term δ B → B. After the introduction of perturbations, this becomes
where v is the mean velocity. We would have in general v → v + u, with u being the fluctuative velocity, but it would be present only in second order terms. Therefore v obeys
where r is the position vector. With
we obtain ∂ B ∂t
The solution would be of the form
where B is the amplitude that only depends on time, and E is a function only of r: 
